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ABSTRACT
We examine a possible formation scenario of galactic thick discs with numerical sim-
ulations. Thick discs have previously been argued to form in clumpy disc phase in
the high-redshift Universe, which host giant clumps of <
∼
109 M⊙ in their highly gas-
rich discs. We performed N -body/smoothed particle hydrodynamics simulations using
isolated galaxy models for the purpose of verifying whether dynamical and chemical
properties of the thick discs formed in such clumpy galaxies are compatible with ob-
servations. The results of our simulations seem nearly consistent with observations in
dynamical properties such as radial and vertical density profiles, significant rotation
velocity lag with height and distributions of orbital eccentricities. In addition, the
thick discs in our simulations indicate nearly exponential dependence of σθ and σz
with radius, nearly isothermal kinematics in vertical direction and negligible metallic-
ity gradients in radial and vertical directions. However, our simulations cannot repro-
duce altitudinal dependence of eccentricities, metallicity relations with eccentricities
or rotation velocities, which shows striking discrepancy from recent observations of
the Galactic thick disc. From this result, we infer that the clumpy disc scenario for
thick-disc formation would not be suitable at least for the Milky Way. Our study,
however, cannot reject this scenario for external galaxies if not all galaxies form their
thick discs by the same process. In addition, we found that a significant fraction of
thick-disc stars forms in giant clumps.
Key words: methods: numerical – galaxies: formation – Galaxy: disc – Galaxy:
formation.
1 INTRODUCTION
Duplex structures of thin and thick discs seem to
be ubiquitous among disc galaxies (e.g. Burstein 1979;
Dalcanton & Bernstein 2002; Yoachim & Dalcanton 2006),
including the Milky Way (MW) (e.g. Yoshii 1982;
Gilmore & Reid 1983). Because thick-disc stars are gen-
erally old and α-enhanced population which implies their
early and rapid formation (e.g. Allende Prieto et al. 2006;
Haywood et al. 2013), structures of the thick discs are ex-
pected to reflect galactic formation history. The origin of the
thick discs is, however, still an open question, and a number
of possible formation scenarios have been proposed so far.
Ones frequently discussed in recent studies are as follows:
stellar accretion from disrupted satellites (e.g. Abadi et al.
2003), thickening of a thin disc by minor mergers (e.g.
Quinn et al. 1993; Kazantzidis et al. 2008), multiple gas-rich
minor mergers (Brook et al. 2004, 2005, 2012), and radial
migration by spiral arms and barred structures in a disc (e.g.
⋆ E-mail: shigeki.inoue@mail.huji.ac.il
Scho¨nrich & Binney 2009a,b). Sales et al. (2009) have dis-
cussed that distribution of orbital eccentricities of thick-disc
stars reflects their formation processes and can be used as a
probe of these scenarios. Afterwards, some observations were
performed for the thick disc of the MW and elucidated that
the thick-disc stars have a mono-modal distribution with
the peak at the eccentricity of ≃ 0.2 (Dierickx et al. 2010;
Lee et al. 2011; Casetti-Dinescu et al. 2011; Ruchti et al.
2011; Kordopatis et al. 2011, 2013). They argued that the
multiple gas-rich minor mergers would be a favourable sce-
nario for the Galactic thick-disc formation, and the radial
migration scenario could also reproduce the eccentricity dis-
tribution in acceptable matching. On the other hand, the
stellar accretion scenario results in relatively higher eccen-
tricities than the observations, and the thin-disc thickening
by dwarf galaxies seems to bring about a bi-modal distri-
bution. In addition, observations of Lee et al. (2011) found
that correlations between metallicities and some kinematic
properties are obviously different between the Galactic thin
and thick discs.
In the high-redshift Universe, some galaxies have been
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observed to be clumpy1 , and they have giant clumps the
masses of which are <∼ 109 M⊙ in their highly gas-rich
discs (e.g. van den Bergh et al. 1996; Elmegreen et al. 2004;
Fo¨rster Schreiber et al. 2006; Genzel et al. 2006; Guo et al.
2012; Buitrago et al. 2013; Tadaki et al. 2014). Numerical
simulations demonstrated the evolution from clump clus-
ters to disk galaxies (e.g. Noguchi 1998, 1999; Immeli et al.
2004; Bournaud et al. 2007; Agertz et al. 2009; Dekel et al.
2009; Ceverino et al. 2010; Mandelker et al. 2013). In the
evolutionary process, giant clumps fall into the galac-
tic centre by dynamical friction and can eventually form
a galactic bulge (Noguchi 1998, 1999; Elmegreen et al.
2008a; Inoue & Saitoh 2012; Dekel & Krumholz 2013;
Bournaud et al. 2014; Perez et al. 2013). In addition,
the clumps are so massive that they can change dark
matter (DM) density profiles (Elmegreen et al. 2008b;
Inoue & Saitoh 2011; see also Del Popolo & Hiotelis 2014)
and induce significant net rotation of halo stars and globu-
lar clusters around galactic discs (Inoue 2013).
Noguchi (1996) has pointed out the possibility of thick-
disc formation in such a clumpy phase of galaxy evolu-
tion: Orbital motions of giant clumps kinematically can heat
up a galactic disc, and disrupted clumps supply stars to
the thick disc to some extent. Afterwards, Bournaud et al.
(2009) demonstrated it by numerical simulations. Their nu-
merical simulations showed that the clumpy disc scenario
can reproduce observed thick discs with exponential density
profiles (see also Bournaud et al. 2007; Elmegreen & Struck
2013) and scale heights independent from radius. Thick
discs of external galaxies were indeed observed to
have a constant thickness (van der Kruit & Searle 1981;
Jensen & Thuan 1982; Shaw & Gilmore 1990; Matthews
2000; Dalcanton & Bernstein 2002). They suggested that
the reproducibility of the constant thickness is a character-
istic point of this formation scenario; the thin-disc thicken-
ing by minor mergers lead to flaring of thick discs in outer
disc regions (e.g. Kazantzidis et al. 2008). Observations also
seemed to show that the disc-like structures in the clumpy
galaxies are consistent with thick discs in nearby galaxies
in their thickness and age (Elmegreen & Elmegreen 2005,
2006), and spatial distributions of clumps are nearly expo-
nential although surface brightness profiles of the discs are
clearly not (Elmegreen et al. 2005). Thus, it could be said
that the thick-disc formation in clumpy galaxies is also a
possible scenario and should be examined in detail. How-
ever, the properties of the thick discs formed in this sce-
nario have not been compared with observations in the way
of Sales et al. (2009).
In this study, we performed several runs of high-
resolution N-body/smoothed particle hydrodynamics
(SPH) simulation using isolated models and study dynam-
ical and chemical properties of thick discs formed in the
clumpy disc scenario. Our aim in this paper is to scrutinize
the credibility of this thick-disc formation scenario and
discuss whether we can verify or discard the scenario.
We describe our simulation settings in §2 and analyses of
the thick-disc properties in §3. We present discussion and
conclusions in §4 and §5.
1 These discy galaxies are often called clump clusters, tadpole
and chain galaxies according to their inclinations.
2 SIMULATION
The detailed description of our computing schemes has been
presented in Inoue & Saitoh (2011, 2012), therefore we de-
scribe it briefly here. We employed an N-body/SPH code,
ASURA (Saitoh et al. 2008, 2009) using the standard scheme
of Monaghan (1992) and Springel (2010).2 The code adopts
the time-step limiter of Saitoh & Makino (2009) so that
we can handle strong shocks with an individual time-step
method (McMillan 1986; Makino 1991). It also employs the
FAST method (Saitoh & Makino 2010) which accelerates
the simulations by using different time-steps for the grav-
itational and hydrodynamical parts. Gravity is solved by a
parallel tree with GRAPE (GRAvity PipE) method (Makino
2004; Tanikawa et al. 2013).
A metallicity-dependent cooling function of gas assumes
optically thin radiative cooling and covers a temperature
range of 10 − 108 K (Wada et al. 2009). Feedback from a
uniform far-ultraviolet radiation was taken into account. A
gas particle spawns a stellar particle the mass of which is
one-third of the initial gas particle under the criteria: 1)
ρgas > 100 atm cm
−3, 2) temperature T < 100 K, 3)∇·v< 0
and 4) there are no SNe around the particle. The local star
formation rate follows the Schmidt law (Schmidt 1959). We
assumed the Salpeter initial mass function (Salpeter 1955)
ranging from 0.1 M⊙ to 100 M⊙ on a stellar particle and
that stars heavier than 8 M⊙ cause type-II SNe, return their
masses to ambient gas and inject thermal energy into it at
the rate of 1051 erg per SN. The initially primordial gas is
contaminated with heavy elements released from the SNe.
Our simulation code tracks only the total metal abundance,
Z, and does not follow the evolution of each element. We
did not take type-Ia (or other) SNe or stellar wind from
intermediate mass stars into account in our simulation.
Our initial condition followed the spherical models of
Kaufmann et al. (2006, 2007) and Teyssier et al. (2013) that
have been used to study the formation of disc galaxies in iso-
lated environments. We assumed equilibrium systems with
the Navarro-Frenk-White profile (Navarro et al. 1997, here-
after NFW) with a virial mass of Mvir = 5.0 × 1011 M⊙,
a virial radius of rvir = 1.67 × 102 kpc and a concentra-
tion parameter of c = 6.0. Baryon mass fractions of the
systems are set to 0.06. The baryonic components are ini-
tially primordial (zero-metal) gas with virial temperature
and follows the same density profile as the DM. We exe-
cuted four runs of simulations with different initial condi-
tions for the gas spheres: two spin parameters of λ = 0.04
and 0.1, two types of angular momentum distributions (see
below). The choice of λ = 0.04 is motivated by the aver-
aged spin parameter of DM haloes in pure N-body cosmo-
logical simulations (e.g. Bullock et al. 2001; Ishiyama et al.
2013). However, observational measurements of spin param-
eters of high-redshift galaxies are still challenging and de-
bated; for instance, Dutton et al. (2011) advocated consis-
tency with the results of the pure DM simulations, whereas
Bouche´ et al. (2007) proposed λ ≃ 0.1 on average for star-
2 Although the latest version of ASURA uses a density-independent
SPH scheme (Saitoh & Makino 2013) and a symmetric form of
the Plummer softening (Saitoh & Makino 2012), the simulations
in this study were performed with the standard SPH and the
ordinary softening.
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Table 1. Summery of initial conditions of our simulations. From
left to right, the columns are simulation names, spin parameters
and radial distributions of specific angular momentum. The other
parameters are the same in all runs.
run λ j(r)
B01-λ004 0.04 j ∝ r
B01-λ010 0.1 j ∝ r
K11-λ004 0.04
j ∝ r in r < 0.1rvir,
j = j(0.1rvir) in r > 0.1rvir
K11-λ010 0.1
j ∝ r in r < 0.1rvir,
j = j(0.1rvir) in r > 0.1rvir
forming galaxies in the high-redshift Universe (see also
Kimm et al. 2011). Hence, we adopt this value as another
choice of the initial spin parameters. As for the angular mo-
mentum distributions, the pure N-body simulations indi-
cated specific angular momenta of haloes follow the pro-
file of j ∝ r in all radial ranges (Bullock et al. 2001). On
the other hand, Kimm et al. (2011) performed cosmological
simulations including baryonic physics and showed that spe-
cific angular momentum distributions of gas fallow those of
DM inside 0.1rvir and are constant outside 0.1rvir; moreover,
they found that this distribution is almost independent of
redshift. Therefore, we take these two cases as initial con-
ditions of angular momentum distributions. Table 1 sum-
marises our initial settings of the gas spheres.3 Although
some of them might be unrealistic, we show that proper-
ties of the resultant galaxies are qualitatively consistent in
all runs (see §3). The DM and the gas are represented by
107 and 5.0 × 106 particles, i.e. the masses of the DM and
gas particles are 4.7 × 104M⊙ and 6.0 × 103M⊙. Softening
lengths are 10 pc for all particles.4
3 RESULTS
Fig. 1 displays snapshots of stellar and gas distributions
and star-forming regions in the run of B01-λ004, where the
clumpy phase of the disc can be seen in t <∼ 2 Gyr. Fig.
2 shows stellar density maps of the other runs. In K11-
λ004 and K11-λ010, the formation of clumps may be in-
volved with ‘ring’ instability caused by the initial setting of
the angular momentum distributions (Gingold & Monaghan
1983; Cha & Whitworth 2003). We run our simulations until
t = 6 Gyr except the run of K11-λ010. Because this run took
∼ 8 Gyr to settle into a stable state, we continued the run
until t = 10 Gyr; in this sense, K11-λ010 may not be a real-
istic initial condition since the clumpy phase is too long in
comparison to other numerical simulations (Bournaud et al.
2007, 2014; Bournaud & Elmegreen 2009; Dekel et al.
2009; Ceverino et al. 2010, 2012; Dekel & Krumholz 2013;
Perez et al. 2013). In the following subsections, we analyse
the final state of the galaxies in our simulations.
3 The simulation of B01-λ010 is the same as in Inoue & Saitoh
(2011, 2012).
4 Only in B01-λ010, we used softening lengths of 8 pc and 2 pc
for the DM and gas particles; however, we confirmed that the
difference of the softening lengths does not change our results.
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Figure 3. Stellar surface density profiles seen face-on in the final
state of our simulations (red lines). Minimum χ2 fittings are also
plotted: Se´rsic profiles for bulges (blue short-dashed lines), the
exponential profiles for discs (pink dotted lines) and disc+bulge
(green long-dashed lines). The insert diagrams illustrate the same
profiles with the logarithmic abscissa. The centres of the systems
are defined to be the positions at which the stellar densities be-
come the highest.
3.1 Density profiles
3.1.1 Radial profiles
To begin with, we decompose a stellar surface density profile
of the simulated galaxy into an exponential disc and a Se´rsic
bulge,
Σs(R) = Σd exp
(
− R
Rd
)
+ Σb exp
[
−
(
R
Rb
) 1
n
b
]
, (1)
where Σd,b and Rd,b are central surface densities and scale
radii of the disc and bulge, and nb is a Se´rsic index of the
bulge. The profiles are shown in Fig. 3, and the best-fit pa-
rameters and the integrated disc and bulge masses are tabu-
lated in Table 2. The discs of B01-λ010 and K11-λ010 have
large scale lengths of >∼ 7 kpc; in this sense, B01-λ010 and
K11-λ010, i.e. the large spin parameter of λ = 0.1, may be
unsuitable for reproducing MW-like galaxies. Although the
disc scale lengths of B01-λ004 and K11-λ004 may still be
a little larger than that of the MW in recent observations
(e.g. Juric´ et al. 2008; Bovy et al. 2012c; Bovy & Rix 2013)
or within a range of uncertainty (e.g. Cheng et al. 2012a),
these are compatible with typical values of disc galaxies
(e.g. Kent 1985; Binney & Merrifield 1998; Fathi et al. 2010;
Fathi 2010).
In all runs, both the discs and the bulges can be
fitted well with exponential profiles: the Se´rsic indices
of the bulges are ≃ 1. Such small Se´rsic indices mean
that the bulges should be classified into pseudo-bulges
(e.g. Kormendy & Kennicutt 2004; Drory & Fisher 2007;
Fisher & Drory 2008). However, other studies using numer-
ical simulations with isolated models have supported the
formation of classical bulges with high Se´rsic indices as
remnants of the clump coalescence (Elmegreen et al. 2008a;
Perez et al. 2013). In addition, cosmological simulations also
seem to indicate nb = 3–5 (D. Ceverino et al. in prep.). The
diversity of the Se´rsic indices between these studies and ours
may be related to gas fraction of the clumps. If the progen-
c© 2013 RAS, MNRAS 000, 1–??
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Figure 1. Stellar and gas density maps in the central 40× 40 kpc region in the run of B01-λ004. The first and second rows indicate the
surface density of all stars from the edge-on and face-on views, respectively. The third row plots the density of stars younger than 40
Myr as star forming region. The fourth row shows the volume density of gas on the disc plane. Time in units of Gyr is indicated on right
bottom corner of each panel.
Table 2. The best-fit parameters for the radial profiles. Surface density profiles of discs and bulges are fitted with
equation (1), and Md and Mb are disc and bulge masses computed by integrating the fitting profiles. fgas is a mass
fraction of gas particles to the total baryon in the region of R < 5Rd and |z| < 5hT in the final state (see equation
(2) and Table 3 for hT).
run
Σd Rd Σb Rb nb
Md Mb fgas[M⊙ pc−2] [kpc] [M⊙ pc−2] [kpc] [M⊙] [M⊙]
B01-λ004 1.5× 102 4.4 7.8× 103 0.38 1.16 1.9× 1010 9.6× 109 0.07
B01-λ010 4.8× 10 8.1 1.1× 104 0.24 1.19 2.0× 1010 5.8× 109 0.16
K11-λ004 1.7× 102 4.1 6.7× 103 0.50 0.97 1.8× 1010 9.9× 109 0.04
K11-λ010 5.3× 10 6.8 4.1× 103 0.44 0.98 1.6× 1010 4.7× 109 0.29
c© 2013 RAS, MNRAS 000, 1–??
Thick discs in clumpy galaxies 5
Figure 2. Stellar density maps seen edge-on and face-on in the runs of B01-λ010, K11-λ004 and K11-λ010 from top to bottom. The
depicted regions are the central 40 × 40 kpc region for K11-λ004 (the third and forth rows) and 60 × 60 kpc regions for B01-λ010 (the
first and second rows) and K11-λ010 (the fifth and sixth rows). Time in units of Gyr is indicated on right bottom corner of each panel.
c© 2013 RAS, MNRAS 000, 1–??
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Figure 4. Vertical density profiles of stars in projected edge-
on view at the final state of the simulations. The profiles are
normalized by the surface density at z = 0 and shifted right at
intervals of 1 kpc for visibility.
itor clumps and the remnant bulges are gas-rich, the dissi-
pative gas can contract to the centre and may form highly
concentrated density profiles, which leads to a high Se´rsic
index. On the other hand, an opposite expectation may also
be possible. High Se´rsic indices can be considered as results
of violent relaxation of dissipationless mergers like elliptical
galaxies. In this case, coalescence of gas-poor clumps may
lead to a high Se´rsic index, rather than gas-rich clumps.
Thus, the dynamical properties of ‘clump-origin bulges’ are
to be investigated further in future studies.5
3.1.2 Vertical profiles
Fig. 4 shows vertical density profiles of the projected stellar
discs at different galactocentric radii. The profiles can be
fitted with superposition of two exponential profiles with
breaks at z ≃ 1 kpc: thin and thick discs. In agreement with
the results of Bournaud et al. (2009), vertical scale heights
of the thick discs are almost independent from radius in
all of our simulations; we found that the variation of the
scale heights were smaller that 20 per cent in the range of
1 6 R/Rd 6 3. In addition, scale radii and central densities
of the thin and thick discs can be measured by the fitting of
the vertical profiles with double-exponential models,
ρd(R, z) =
∑
i
ρ0,i exp
(
− R
Ri
− |z|
hi
)
, (2)
where the subscript i takes thin and thick discs, and Ri
and hi are scale radii and scale heights of the discs. The
fitting is performed in the range of 1 6 R/Rd 6 3 to avoid
the bulge contribution. We found that the scale radii are
hardly different between the thin and thick discs. The best-
fit parameters and masses of the thin and thick discs are
tabulated in Table 3.
In all runs, however, the thick discs are more massive
than the thin discs; we found mass ratios of the thick to
5 Detailed analysis of the bulge in B01-λ010 has been reported
in Inoue & Saitoh (2012).
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Figure 5. Radial profiles of circular and mean rotation ve-
locities of stars. The circular velocity is computed as vc =√
GM(< R)/R, where G is the gravitational constant and M(<
R) is the mass of the system spherically enclosed in radius of R.
The mean rotation velocity vθ is measured at each height above
the plane.
the thin discs to be greater than 2 in all runs. Thick discs
have been observed to account for 5–40 per cent of the total
stellar masses in real galaxies (Yoachim & Dalcanton 2006).
Although Fuhrmann (2008) and Comero´n et al. (2011) sug-
gested that typically thick and thin discs have similar
masses, the thin discs in our simulations would be still
too less massive. This is because our initial conditions as-
sumed single collapse models, do not include late accretion
to feed gas to the thin discs after the clumpy disc formation
(Bournaud et al. 2009). We warn the reader that this point
is a limitation of our simulations. It should be noted that
the thick-disc scale heights would be somewhat shortened
by the thin-disc formation that is lacked in our simulations
(Bournaud et al. 2009). Moreover, the scale radii of the thin
discs may become shorter or longer than those of their thick
discs after the completion of the thin-disc formation.
3.2 Kinematics
3.2.1 Rotation velocities
Fig. 5 shows radial profiles of circular and mean rotation ve-
locities of stars. The galaxies have nearly flat rotation curves
in the runs of B01-λ004 and K11-λ004 in their disc regions,
whereas the circular velocities gently increase in B01-λ010
and K11-λ010 (see also Fig. 8). It should be noted, however,
that the massive bulges cause the mass concentrations of the
galaxies to be high as seen in Fig. 3, and contribution of the
bulges to the circular velocity curves would be substantially
present in all simulated runs.
The mean rotation velocities in the figure show signif-
icant asymmetric drift in the cases of B01-λ004 and K11-
λ004: velocity lags of dvθ/dz ∼ −10 km s−1 kpc−1. In B01-
λ010 and K11-λ010, however, the velocity lags are weak. In
the MW, rotation velocity has been observed to decrease sig-
nificantly with distance from the plane although determina-
tions do not seem be consistent quantitatively: from −36 to
−9 km s−1 kpc−1 (Chiba & Beers 2000; Carollo et al. 2010;
Spagna et al. 2010; Lee et al. 2011; Casetti-Dinescu et al.
c© 2013 RAS, MNRAS 000, 1–??
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Table 3. The best-fit parameters for vertical density profiles with equation (2). Subscriptions of ‘T’ and ‘t’ mean values
for thick and thin discs.
run
ρ0,T RT hT Md,T ρ0,t Rt ht Md,t Md,T
Md,t[M⊙ pc−3] [kpc] [kpc] [M⊙] [M⊙ pc−3] [kpc] [kpc] [M⊙]
B01-λ004 3.5× 10−2 5.5 1.4 2.0× 1010 2.7× 10−2 5.5 0.19 2.0× 109 10.0
B01-λ010 6.5× 10−3 9.8 1.9 1.5× 1010 1.4× 10−2 9.8 0.45 7.4× 109 2.1
K11-λ004 7.3× 10−2 4.2 1.1 1.8× 1010 6.5× 10−2 4.2 0.17 2.5× 109 7.2
K11-λ010 1.0× 10−2 8.2 1.3 1.1× 1010 1.3× 10−2 8.2 0.31 3.5× 109 3.2
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Figure 6. Dispersions of radial, rotation and vertical velocities as
functions of distance from the plane at the galactocentric radius
of R = 2Rd.
2011; Moni Bidin et al. 2012); in this sense, B01-λ004 and
K11-λ004 seem to be more similar to the MW. Meanwhile,
in external galaxies, Yoachim & Dalcanton (2008) have ob-
served that massive galaxies in their sample indicate lit-
tle differences of rotation velocities between thin and thick
discs.
3.2.2 Velocity dispersions
Fig. 6 shows vertical profiles of velocity dispersions. As seen
from the figure, the velocity dispersions are almost constant,
and the discs can be considered to be isothermal along the
vertical direction. Hereafter, we follow the analytical discus-
sion of Lewis & Freeman (1989). If the surface mass density
is dominated by the stellar disc and the vertical density pro-
file can be assumed to be a single exponential function, from
the Jeans equation with the isothermality,
σ2z(R) ∝ Σs ∝ exp
(
− R
Rd
)
(3)
Furthermore, if we assume uniform velocity anisotropy
throughout the discs: σθ/σz ≃ const, σ2θ(R) ∝
exp (−R/Rd). Finally, if σ2R is exponential with a scale
length of RR,
σ2θ
σ2R
=
σ2θ(0)
σ2R(0)
exp
[
−R
(
1
Rd
− 1
RR
)]
=
1
2
(
1 +
R
vc
dvc
dR
)
, (4)
where the second equality is derived from the epicyclic ap-
proximation (e.g. Binney & Tremaine 2008). In the case of
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Figure 7. Radial, rotation and vertical velocity dispersions as
functions of galactocentric distance. Stars in 1 kpc < |z| < 4 kpc
are taken into account for the measurements. For the sake of com-
parison, normalized profiles of the square roots of stellar surface
densities are also plotted with the black thin dotted lines.
a flat rotation curve, since the right-hand side (RHS) is con-
stant, the two scale lengths must be RR = Rd; moreover,
σ2θ/σ
2
R = 1/2. To summarise, if all of these assumptions
hold, it can be expected that
Σs ∝ σ2R ∝ σ2θ ∝ σ2z ∝ exp
(
− R
Rd
)
. (5)
To compare our simulations with the above analyses,
Fig. 7 shows radial profiles of velocity dispersions of thick-
disc stars in our simulations. We confirmed that the pro-
files hardly depend on height above the plane because of
the isothermality shown in Fig. 6. As discussed above, the
profiles of σθ, σz and
√
Σs seem to indicate exponential be-
haviour with nearly similar scale lengths although σθ have
shallower slopes in 1 < R/Rd < 2 in B01-λ010 and K11-
λ010. The decrease of σR with radius, however, are much
slower than the other profiles and not exponential. This
means that the assumption of uniform velocity anisotropy
between σR and the other dispersions is not valid in the
simulated discs. Fig. 8 shows the left- and RHS of equation
(4). The ratios of σ2θ/σ
2
R are not constant and decrease with
radius in outer regions although the RHS is ≃ 1/2, indicat-
ing that the circular velocity curves can be considered to
be almost flat. It is particularly worth noting that σ2θ/σ
2
R
largely decrease and deviate from the RHS in R >∼ 2.5Rd
except the region of |z| < 1 kpc in K11-λ010. This implies
that the epicyclic approximation would not be valid in the
c© 2013 RAS, MNRAS 000, 1–??
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Figure 8. The left- and right-hand sides of equation (4) as func-
tions of radius. The thin and thick lines indicate σ2
θ
/σ2R for stars
in the regions of |z| < 1 kpc and 1 kpc < |z| < 4 kpc, respectively.
The horizontal dotted-lines indicate 1/2.
outer disc regions in our simulations. Another notable point
in Fig. 7 is that the behaviour of the velocity dispersions are
almost the same among the simulation runs.
3.2.3 Distributions of orbital eccentricities
As we mentioned in §1, Sales et al. (2009) have found that
distribution of orbital eccentricities of thick-disc stars re-
flects their formation process. Therefore, it is worthwhile
to inquire into eccentricity distributions in our simulations.
Following the manner of Sales et al. (2009), we fitted the
circular velocity curves of Fig. 5 with combined models of
an NFW halo, a Hernquist bulge (Hernquist 1990) and a
Miyamoto-Nagai disc (Miyamoto & Nagai 1975). Orbit cal-
culations are executed in the modeled potentials, and peri-
and apo-centre distances rpe,ap are computed, in which the
final states of our simulations are used as the initial po-
sitions and velocities of the orbit calculations. The orbital
eccentricity is defined as ǫ ≡ (rap − rpe) / (rap + rpe).
The top panel of Fig. 9 shows the eccentricity distri-
butions in thick-disc regions of 1 kpc < |z| < 4 kpc. These
distributions are almost consistent with the observations of
the Galactic thick disc. The distributions do not indicate
significant dependence on the initial conditions although the
peak values are high in B01-λ010 and K11-λ010 and the po-
sition of the peak tends to be a little high eccentricity in
K11-λ004. The bottom panel of Fig. 9 shows dependence of
the distributions on distance from the planes. Although the
lowest regions of |z| < 1 kpc may have slightly low eccentric-
ities (see below), the thick-disc stars in our simulations do
not indicate altitudinal gradients of orbital eccentricities. It
is noteworthy that this would be discrepant from observa-
tions: Dierickx et al. (2010) observed that mean eccentrici-
ties decrease with height in the Galactic thick disc, and their
observed distributions become broader in higher regions. We
discuss the dependence of this result on the galaxy models
in Appendix A and find that the eccentricity distributions
are qualitatively independent from the details of the galaxy
models.
From integration of the fitting profiles of vertical density
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Figure 9. Top: Eccentricity distributions of stars in the region
of 2 < R/Rd < 3 and 1 kpc < |z| < 4 kpc in the final states. Ob-
servational results by Lee et al. (2011, in 0.8 kpc < |z| < 2.4 kpc)
and Casetti-Dinescu et al. (2011, in 1 kpc < |z| < 3 kpc) are
overplotted for comparison. Bottom: Eccentricity distributions at
different heights in our simulations.
distributions, thin disc stars occupy stellar mass fractions of
0.17, 0.52, 0.19 and 0.36 in B01-λ004, B01-λ010, K11-λ004
and K11-λ010 in the lowest regions of |z| < 1 kpc. The
slightly lower eccentricities in this regions may be due to
the contamination of the thin-disc stars if thin-disc stars
have more regular kinematics than thick-disc stars.
3.3 Metallicity relations
Metallicity distribution can also be a key to investigate
the formation history of the thick-disc stars. Fig. 10 shows
radial and vertical distributions of averaged metallicity in
our simulations.6 In all runs, stars in the thick-disc re-
gions have metallicities similar to the solar value and are
more metal-rich than the observed thick-disc stars (e.g.
van der Kruit & Freeman 2011, and reference therein). This
can be attributed to metal-enrichment caused inside the gi-
ant clumps since a significant fraction of thick-disc stars are
born in massive clumps in our simulations (see §3.4). Thus,
6 All averaged values are mass-weighted throughout this paper,
which are hardly different from the simple mean values of stellar
particles.
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Figure 10.Radial and vertical distributions of mean metallicities
of stars. The radial (the right panel) and vertical profiles (the left
panel) are measured in 1 kpc < |z| < 4 kpc and 2 < R/Rd < 3,
respectively. We set the solar metallicity to Z⊙ = 0.02.
the existence of giant clumps during the disc-formation
epoch can lead to significantly high metallicity of thick-disc
stars; however, it should be noted that the metal-enrichment
would depend on the intensity of feedback in the simula-
tions since gas outflow from the clumps could refresh the
gas inside them (see §4.1). Besides, the metallicity gradi-
ents in our simulations are weak in both radial and vertical
directions. This would be because perturbations of massive
clumps vehemently stir the disc stars and wash out their
metallicity gradients which could have appeared in quiet
disc formation. Although the runs of B01-λ010 and K11-
λ010 show metallicity gradients in R <∼ 2Rd, the radial vari-
ations in metallicities are as small as ∼ 0.3 dex. Thus, we
expect that the clumpy disc formation would lead to the
chemical uniformity of a thick disc if our single collapse
models well represent the formation of clumpy galaxies in
the high-redshift Universe. The MW thick disc has been ob-
served to have only weak radial and vertical gradients: e.g.
∂Z/∂R ≃ −0.003 ± 0.005 dex kpc−1 (Hayden et al. 2013),
and ∂Z/∂z ≃ −0.1±0.05 dex kpc−1 (Kordopatis et al. 2011,
2013) and −0.26±0.02 dex kpc−1 (Hayden et al. 2013). Ra-
dial and vertical gradients of [Fe/H] are observed to be be-
tween 0.0028 and 0.041 dex kpc−1 (Nordstro¨m et al. 2004;
Ruchti et al. 2011; Cos¸kunogˇLu et al. 2012; Cheng et al.
2012b; Carrell et al. 2012) and between −0.14 and
−0.068 dex kpc−1 (Chen et al. 2011; Kordopatis et al. 2011;
Katz et al. 2011; Ruchti et al. 2011; Carrell et al. 2012), re-
spectively.
Lee et al. (2011) and Kordopatis et al. (2011, 2013)
have recently revealed that orbital eccentricity and rotation
velocity seem to correlate with metallicity: ǫ decreases and
vθ increases with metallicity for Galactic thick-disc stars.
They found that these chemo-dynamical relations of the
thick disc are distinct from those of the thin disc and can
be used as proof of thick-disc formation scenarios. Fig. 11
shows these chemo-dynamical relations of thick-disc stars in
our simulations. As clearly seen from the figure, neither ǫ
nor vθ indicate correlation with metallicities. In connection
to the above discussion, this result can be taken as a nat-
ural consequence of the weak gradients of metallicity and
eccentricity shown in Fig. 10 and the bottom panel of Fig.
9. Accordingly, we can see that the clumpy disc scenario for
thick-disc formation could not reproduce the correlations of
ǫ and vθ with metallicity observed in the Galactic thick disc
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Figure 11. Orbital eccentricities and rotation velocities as func-
tions of metallicities of stars in the region of 2 < R/Rd < 3 and
1 kpc < |z| < 4 kpc.
since the violent mixing by massive clumps can erase the
metallicity relations.
3.4 Where do thick-disc stars form?
It would be of great worth to discuss how and where the
thick-disc stars formed in our simulations. In Fig. 1, in-
tense star formation can be seen in the clumps, and the
inter-clump regions scarcely form stars. Notwithstanding,
the galactic disc accounts for the greater fraction of the
stellar mass in the final state. This implies that the giant
clumps supply significant amount of stars to the disc. Giant
clumps are totally or partly disrupted by tidal force while
migrating toward the galactic centre. Besides, in merging
with one another, the clumps scatter the inter-clump regions
with stars. Elmegreen et al. (2009) have inferred that some
fraction of the clump mass disperses into the inter-clump
medium from their observations, and Bournaud et al. (2007,
hereafter BEE07) estimated that ∼ 20 per cent of disc mass
is supplied from massive clumps in their simulations.
Taking advantage of the high mass-resolutions of our
simulations, here we compute the mass fractions of stars re-
leased from clumps to discs. First, we identify stellar clumps
in snapshots every 4 Myr using the friends-of-friends (FOF)
method, in which the linking lengths are set to (ms/ρt)
1/3,
where ms is the mean mass of stellar particles and ρt is the
stellar density at the radius where surface densities of a bulge
and a disc become equal in the fittings of Fig. 3. We found
that the results do not depend very much on the linking
length within a factor of approximately two. The minimum
group (clump) mass mmin have to be given in the FOF algo-
rithm, and we treat it as a parameter of the analyses. Here,
we define FOF-grouped stars in the final snapshot to be
bulge stars and the others to be disc stars. Next, we search
for new stars born in the FOF clumps in each snapshot. If
the new stars in the clumps are identified to be disc stars in
the final snapshot, we consider these stars as the mass supply
c© 2013 RAS, MNRAS 000, 1–??
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Figure 12. Mass fractions between stars released from clumps
to the disc and the final stellar disc. The horizontal axis means
minimum clump mass defined in the FOF method. The thick lines
are for all disc stars, and the thin lines are for stars in the region
of 2 < R/Rd < 3 and 1 kpc < |z| < 4 kpc in the final snapshot.
The ×-marks designate the results of BEE07; however, be aware
of their different analysing technique (see the text).
from the clumps to the disc.7 Finally, we sum up the mass
supply in all snapshots, estimate the mass ratio between the
stars released from the clumps and the final disc at a given
mmin. The lowest-mass clump of mmin = 2×105M⊙ consists
of more than one hundred particles.
Fig. 12 shows the results of the analysis as function
of mmin. We notify readers that this figure indicates mass-
contribution cumulated from large to small clumps: steep-
ness of the slopes at a certain mmin corresponds to contribu-
tion from the clumps having the mass. In the runs of B01-
λ004 and K11-λ004, massive clumps of >∼ 108 M⊙ largely
contribute to disc formation, and the thick discs have almost
the same composition as the entire discs. In B01-λ010 and
K11-λ010, the contribution from smaller clumps is relatively
larger than in the other runs, and all mass ranges contribute
nearly equally, i.e. relatively straight profiles in the figure.
We consider that this variance between the runs could be
attributed to the difference of mass functions of clumps (see
§4.1). In any runs, it can be said that significant fractions of
the thick-discs stars are born in the clumps, and disrupted
clumps seem to be a major supplier of stars to galactic discs
in our simulations. For comparison, we also show the results
of simulations of BEE07 in the figure. Here we have to note
that BEE07 have used different clump detection and anal-
ysis methods for the sake of fair comparison with observa-
tions: They deteriorated resolutions of their face-on density
maps down to 200 pc and searched for pixels with high con-
trast. BEE07 defined regions less extended than 3 kpc and
more massive than 2×108M⊙ as their clumps. Therefore, it
should be kept in mind that fairness is not ensured in the
comparison between our and BEE07 simulations in Fig. 12.
Our results of B01-λ010 and K11-λ010 are nearly consistent
7 Stellar mass loss due to SNe until the end of simulations is
taken into account, i.e. the clump identification is performed in
each snapshot, but the resultant mass fractions in Fig 12 are
computed with masses of stellar particles in the final snapshot.
with BEE07, but the runs of B01-λ004 and K11-λ004 indi-
cate much larger mass contributions from massive clumps of
> 2× 108M⊙.
Fractional mass contribution from clumps of 107–
109 M⊙ thus seems to depend on the initial conditions of our
simulations, therefore we could not assert that our simula-
tions represent well the clumpy galaxies in the high-redshift
Universe. In addition, feedback processes such as SNe and
radiation pressure may be influential on the picture of disc
formation and mass function of clumps (Genel et al. 2012;
Perez et al. 2013). It is noteworthy, however, that the dy-
namical and chemical properties shown in the previous sub-
sections were well consistent between the runs although Fig.
12 showed the somewhat diverse results.
4 DISCUSSION
4.1 The validity and robustness of our simulations
First, we have to mention that numerical simulations
for star-forming galaxies are still to be developed. Espe-
cially, implementation of feedback processes at the sub-
grid level have long been debated (e.g. Stinson et al. 2006,
2012; Dalla Vecchia & Schaye 2012; Agertz et al. 2013).
Such feedback processes may be crucial for fate of gi-
ant clumps. Noguchi (1996) has firstly pointed out the
possibility that giant clumps may be transient objects if
they are largely losing their mass by outflow. Recently,
Genzel et al. (2011) and Newman et al. (2012) observed
that some clumps indeed seem to be subjected to such
strong outflow. Afterwards, Genel et al. (2012) performed
numerical simulations using a parametrised method for rep-
resenting the superwinds and seemed to show that the
clumps could not grow massive and would be disrupted in
timescales shorter than their orbital periods. Some other
observations also determined young ages of clumps in agree-
ment with the ephemerality of clumps under the strong
feedback (e.g. Wuyts et al. 2012; Swinbank et al. 2012).
On the other hand, recent analytical studies and numer-
ical simulations have taken the stellar feedback into ac-
count, and they seemed to show that giant clumps can
accrete ambient gas to keep their masses even under the
strong outflow (Krumholz & Dekel 2010; Forbes et al. 2013;
Dekel & Krumholz 2013; Bournaud et al. 2014; although see
Hopkins et al. 2012). In this case, the clumps are expected
to be long-lived and migrate toward the galactic centres.
In addition, radial gradients of ages, specific star-formation
rates and gas fractions of clumps were observed and could
be taken as indicative of the longevity and the migration
of clumps (Fo¨rster Schreiber et al. 2011; Guo et al. 2012;
Tadaki et al. 2014); additionally, Mandelker et al. (2013)
confirmed the presence of these radial gradients in their sim-
ulations where their clumps are long-lived and form central
bulges.
Because the stellar feedback processes have not been
implemented in our simulation code yet, star formation
rate would possibly be overestimated in the clumpy phase
(e.g. Saitoh & Makino 2010; Dalla Vecchia & Schaye 2012;
Agertz et al. 2013). The reader should be aware that our
results may be sensitive to this issue. Perez et al. (2013)
have performed N-body/SPH simulations using isolated disc
c© 2013 RAS, MNRAS 000, 1–??
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models and shown how a mass function of clumps varies
with strength of SN feedback between 0 and 1.0 × 1051 erg
per SN. They found that a typical clump mass becomes
more massive in a run with stronger SN, and the most
frequent clump mass in the run with the strongest SN is
∼ 0.5 dex larger than in the case excluding the feedback.
Thus, less massive clumps are disrupted due to the feed-
back, whereas massive ones can survive if they grow rapidly.
Bournaud et al. (2014) also performed simulations with iso-
lated galaxy models in which they took into account various
feedback processes such as HII region photo-ionization, radi-
ation pressure from young stars and non-thermal feedback
from SNe. They demonstrated that clumps more massive
than ≃ 108 M⊙ can survive and keep their masses nearly
constant even under the feedback stronger than in our study
and Perez et al. (2013); moreover, this result was confirmed
in cosmological simulations (N. Mandelker et al. in prep.) In
our study, Fig. 12 indicates that more than 50 per cent of the
thick-disc stars form in clumps more massive than 108 M⊙ in
the runs of B01-λ004 and K11-λ004 although the fractions
are ≃ 20 per cent in B01-λ010 and K11-λ010. Therefore,
it could be expected that the thick-disc properties in B01-
λ004 and K11-λ004 would be robust with respect to the
feedback efficiency in simulations. On the other hand, the
thick discs in B01-λ010 and K11-λ010 may not be formed
from dissolved clumps if the other feedback processes are
implemented. Moreover, bulge masses could also be affected
by the feedback. If the feedback dissolves the majority of
clumps, the bulges could not grow massive. In this sense,
contribution by the bulges to potentials of entire galaxies
may depend on the strength of the feedback, thereby the
feedback efficiency may be influential on dynamical proper-
ties of disc stars via the bulge potentials.
Significance of the metallicity gradients would be af-
fected by the strength of feedback. Cosmological simulations
of Gibson et al. (2013) have demonstrated that strong stel-
lar feedback can wash out metallicity gradients in their discs
although the gradients can be seen in the case of weak feed-
back. Our simulations would correspond to the case of weak
feedback, therefore we could expect that the weak metallic-
ity relations in this study would be due to the violent pertur-
bation by the massive clumps. However, metallicity of the
disc stars would become lower than in our simulations if the
other feedback processes are implemented since star forma-
tion would be considerably suppressed and metal-enriched
gas in clumps would be discharged by the feedback.
Our simulations are, in addition, not cosmological; our
models are lacking continuous gas accretion which is ex-
pected to feed thin discs. The thin-disc formation could
shorten the scale heights of the thick discs and might influ-
ence the velocity dispersions. In the cosmological context,
smooth and cold gas streams are thought to penetrate a
halo and keep a galaxy gas-rich until the streams are turned
off in the high-redshift Universe (e.g. Dekel & Birnboim
2006; Dekel et al. 2009). As noted in §3.1.1, gas fraction in
the clumps may affect some properties of the clump-origin
bulges such as density profile and mass. In isolated mod-
els like our simulations, properties of giant clumps would
be more or less controlled by the initial settings. For ex-
ample, spin parameter is responsible for mass function of
clumps: Small and large spin parameters of the initial con-
ditions lead to high and low surface gas density of the
discs. The wavelength at which dynamical instability first
appears becomes longer in a disc with a higher surface den-
sity, which allows to form more massive clumps preferen-
tially (Toomre 1964; Binney & Tremaine 2008). This infer-
ence can be seen in Fig.12: In B01-λ010 and K11-λ010, more
clumps of >∼ 108M⊙ formed than in the runs of B01-λ004
and K11-λ004. As we showed in §3, however, the kinematic
and chemical properties of the thick discs in our simulations
are qualitatively consistent between the runs and do not
seem to depend very much on the initial conditions.
4.2 The thick disc formation in clumpy galaxies
Here we inspect how realistic the scenario of thick-disc for-
mation in clumpy galaxies is. As Bournaud et al. (2009)
showed, the thick-disc formation in clumpy galaxies has the
advantages that constant thickness and old age of thick
discs can be well reproduced in agreement with obser-
vations. These were confirmed in our simulations. In the
scenarios of thin disc heating and radial migration, thick
discs seem to form with scale heights increasing with galac-
tocentric radius, i.e. flaring thick discs (Kazantzidis et al.
2008; Minchev et al. 2012), although radial migration seems
able to explain the relation between vθ and metallicity
(Curir et al. 2012). In our simulations, although the scale
radii of the discs were contingent to the initial rotation of
gas, the scale heights of hT ≃ 1 kpc seem to be consistent
with observed thick discs and almost independent of the
initial conditions. Significant asymmetric drift, dvθ/dz, was
also confirmed in the runs of B01-λ004 and K11-λ004. Radial
profiles of velocity dispersions except σR were also nearly ex-
ponential. The pioneering work of Lewis & Freeman (1989)
has observed exponential decrease of σR and σθ for old disc
stars with scale lengths similar to that of surface density,
whereas Casetti-Dinescu et al. (2011) observed the only sig-
nificant radial gradient of σz in the MW thick-disc stars.
Moreover, we found that vertical profiles of velocity disper-
sions are almost isothermal in our simulations. In observa-
tions of the MW thick disc, Moni Bidin et al. (2012) have
observed velocity dispersion profiles weakly increasing with
height above the plane (although see Sanders 2012); how-
ever, some observations indicated steep vertical gradients of
σR (Casetti-Dinescu et al. 2011) and σz (Kordopatis et al.
2011). Distributions of orbital eccentricities in the entire
thick discs in our simulations showed excellent agreement
with observations of the MW thick disc. However, verti-
cal dependence of the eccentricities cannot be reproduced.
Thus, we can see that the comparisons of dynamical prop-
erties between our simulations and the observations do not
indicate evident discrepancies, except the vertical variation
of orbital eccentricities observed in the MW (Dierickx et al.
2010).
We found that metallicity gradients are quite weak
in our simulations. In observations of the MW, thick-disc
stars do not seem to have steep metallicity gradients in ra-
dial or vertical directions (e.g. Allende Prieto et al. 2006;
Bensby et al. 2011; Ruchti et al. 2011; Kordopatis et al.
2011; Carrell et al. 2012). However, our simulations did not
show metallicity relations with orbital eccentricities and
rotation velocities, which have recently been observed in
the MW thick disc (Lee et al. 2011; Kordopatis et al. 2011,
2013). We consider that this lack of chemo-dynamical re-
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lations is the most striking discrepancy between our sim-
ulations and the observations. We infer that disc stars are
stirred by violent perturbation of giant clumps and such
chemo-dynamical relations would be washed out in the
clumpy phase. In the observations of Lee et al. (2011), their
samples of thin- and thick-disc stars showed distinct chemo-
dynamical relations, this is thought to reflect distinct forma-
tion processes of these discs. Thus, the chemical relations are
expected to be susceptible to formation scenarios of discs,
and the inconsistency between our simulations and the ob-
servations of the MW implies that the thick-disc formation
scenario in clumpy galaxies may not be suitable for the MW.
Tadaki et al. (2014) have observed that 41 per cent
of Hα emitters of stellar masses from 109 to 1011.5 M⊙
have clumpy morphologies at redshifts of 2.2 and 2.5, and
the fraction of clumpy galaxies becomes the largest at the
mass of 1010.5 M⊙ (see also Murata et al. 2014). However,
van Dokkum et al. (2013) observationally argued that MW
progenitors would have stellar masses of 109.5–1010 M⊙ in
this redshift range (see their fig. 1). From these observations,
typical clumpy galaxies may be too massive to evolve into
the MW-size galaxies. If it is the case, the thick-disc forma-
tion in a clumpy disc would not be suitable for the MW and
smaller galaxies.
It should be noted, however, that thick discs in ex-
ternal galaxies show a wide variety of kinematic proper-
ties, which is discussed to correlate with Hubble types
and/or galaxy masses (e.g. Yoachim & Dalcanton 2006,
2008; Comero´n et al. 2011). Presumably, this may mean
that the formation process of thick discs is not a single sce-
nario and the diverse kinematics of the thick discs could be
the consequence of the variety of formation history. Obser-
vational studies of chemo-dynamical properties of thick-disc
stars in external galaxies are, unfortunately, far from suf-
ficient. First, orbital eccentricity of each thick-disc star is
not observable in these galaxies since three-dimensional po-
sition and velocity of a star are not accessible even if we
could resolve its stellar image. However, it may be possi-
ble to observe the relation between metallicity and rota-
tion velocity. Yoachim & Dalcanton (2008) have observed
some edge-on galaxies and obtained rotation curves at dif-
ferent height above disc planes. They found that relatively
massive galaxies in their sample do not indicate significant
vertical gradient of rotation velocities. On the other hand,
their less massive galaxies show a wide range of behaviour
such as counter-rotation between thin and thick discs, but
they tend to indicate asymmetric drift more clearly than
the massive galaxies. If altitudinal dependence of metallic-
ity is observed in these galaxies, one can discuss whether
they have a chemo-dynamical relation like the MW thick
disc and whether it is a universal relation or not.
The authenticity of the clear distinction between the
thin and thick discs is still under discussion, and the Galac-
tic thick disc may be a superposition of relatively old compo-
nents which are continuously connected to the thin disc (e.g.
Dove & Thronson 1993; Bovy et al. 2012a,b,c; Stinson et al.
2013). Bovy et al. (2012c) discussed that each component
consisting of the Galactic disc is a simple structure with a
single exponential density profile and isothermal kinemat-
ics. Recent observations by Haywood et al. (2013), however,
indicated that the Galactic thick- and thin-disc stars have
obviously distinguishable age-[α/Fe] and -[Fe/H] relations
although the durations of their star formation somewhat
overlap. Their result would prefer distinct formation pro-
cesses between the thin and thick discs. They discussed the
formation epoch of the thick disc to be the first 4–5 Gyr
of the Galaxy formation with starburst; this period corre-
sponds to redshift of z = 2–3. Thus, further investigation
is needed to obtain more detailed and accurate information
for the Galactic thick disc. In addition, observations for ex-
ternal galaxies are also essential to compare with the MW
and inspect the universality and individuality of thick discs.
5 CONCLUSIONS
In this study, we found that properties of thick discs are
almost consistent among our runs with different initial con-
ditions. Our simulations indicated that kinematic properties
such as density and velocity profiles and distributions of or-
bital eccentricities are in acceptable agreement with Galactic
and external galactic observations. However, altitudinal de-
pendence of the eccentricities and metallicity relations with
rotation velocities and eccentricities are not confirmed in
our simulations, which are discrepant from recent observa-
tions of the Galactic thick disc. Therefore, we infer that the
thick-disc formation scenario by clumpy discs would not be
suitable at least for the MW.
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APPENDIX A: ROBUSTNESS OF THE
ECCENTRICITY DETERMINATION
Here we discuss how robust the eccentricity distributions
presented in Fig. 9 are with respect to the modeling of galac-
tic discs. The computation of stellar eccentricities have to
model the mass distribution of the galaxies and might be sig-
nificantly affected by our choice of the models. Especially,
the disc model — which is the only non-spherical compo-
nent in the galaxy model — may have a large impact on the
eccentricity determinations.
In §3.2.3, our eccentricity determinations assumed the
Miyamoto-Nagai discs (Miyamoto & Nagai 1975) for the
sake of consistency with the analyses of Lee et al. (2011),
and the structural parameters were chosen to fit with the
circular velocity curves of the simulated galaxies. As shown
in §3.1.2, however, the density profiles of the stellar discs are
fitted with the double-exponential models of equation (2). In
this appendix, we perform the same analyses for computing
orbital eccentricities using the exponential models instead
of the Miyamoto-Nagai discs. The radial and vertical forces,
KR and Kz, caused by the exponential disc are given as
KR,i(R, z) = −4πGαiρ0,i
∫ ∞
0
kdkJ1(kR)(α
2
i + k
2)−
3
2
×βie
−k|z| − ke−βi|z|
β2i − k2
(A1)
and
Kz,i(R, z) = −4πGαiρ0,i
∫ ∞
0
dkJ0(kR)(α
2
i + k
2)−
3
2
×kβisign(z)βie
−k|z| − ke−βi|z|
β2i − k2
, (A2)
where J0,1 are Bessel functions of the first kind, αi ≡ R−1i
and βi ≡ h−1i (Kuijken & Gilmore 1989). The density mod-
els for the bulges and halos are the same as in §3.1. Although
density distribution of gas seems different from the stellar
discs in our simulations, we assume that the gas follows the
thin-disc model.
Fig. A1 shows the eccentricity distribution computed
using the exponential disc models. In the top panel, we
compare the eccentricities with the results in Fig. 9. The
eccentricity distributions are almost the same in the runs
of B01-λ004 and K11-λ004. Although the distributions be-
come to have a little higher averages and large dispersions
in B01-λ010 and K11-λ010, our results do not change qual-
itatively. The bottom panel shows dependence of the distri-
butions on distance from the planes. Systematic difference
c© 2013 RAS, MNRAS 000, 1–??
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Figure A1. The same as Fig. 9 but using the double-exponential
models for the thick and thin discs. In the top panel, the
black dashed histogram indicates the result of Fig. 9 where the
Miyamoto–Nagai disc model is used.
from the case using the Miyamoto–Nagai discs cannot be
seen, and the distributions are still independent from the
distance from the galactic planes. Hence, we can see that
the eccentricity determinations in this study do not depend
on the details of the galaxy models.
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